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nH ~ 102 – 108 cm–3

vA ~    2 km/s
cs ~ 0.2 km/s



• Magnetic fields play a critical role
– Pmag is 30–100 times Pgas in molecular clouds

vA ~ 2 km/s , cs ~ 0.2 km/s
– energy density of magnetic field, fluid motions and self-gravity are similar 
– field removes angular momentum from cloud cores and protostellar/
protoplanetary disks
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Microphysics!

 particles tied to field!

particles tied to neutral fluid!

Cowling 1957
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• If the only charged species are ions and electrons,

• Three distinct diffusion regimes: 

– see Pandey & Wardle (2008) for generalisation 
to all levels of ionisation

– Ohmic (resistive)

– Hall

– Ambipolar
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574 B. P. Pandey and M. Wardle

Figure 1. The profiles of Ohm (ηO), Hall (ηH) and ambipolar (ηA) diffu-
sivity in the photosphere–chromosphere are shown for (a) B0 = 1.2 kG and
(b) B0 = 120 G (see equation 13).

How much diffusion is too much in the solar atmosphere? For
example, if magnetic diffusion dominates fluid convection in the
induction equation (3), the magnetic field will be poorly coupled to
the plasma (Wardle 2007). Thus, we shall compare the advection
term ∇× (v × B) ∼ v B/L with the diffusion terms in the induction
equation (3) by defining magnetic Reynolds numbers

Rm = v L

ηO
, Am = v L

ηA
and Hm = v L

ηH
. (14)

Note that both Am and Hm depend on how well the plasma is
coupled to the magnetic field since both ambipolar and Hall diffu-
sion depend on the magnetic field and ηA = βi ηH and ηH = βe ηO.
Thus,

Am = Rm/ (βi βe) , Hm = Rm/βe. (15)

The dependence of Am and Hm on the plasma Hall parameters
βj is not surprising given that both ambipolar and Hall diffusion
arise from the magnetization of the medium. This also explains the
inherently different nature of Ohm and ambipolar diffusion: whereas
Ohm diffusion acts isotropically, ambipolar diffusion owing to its
dependence on the magnetic field is anisotropic. As we shall see,
in the presence of shear flow, the anisotropic nature of ambipolar
diffusion is at the centre of wave destabilization.

The height dependence of Rm, Hm and Am for both kG and
0.1 kG fields were discussed in PW12a. It was shown that when
v ∼ vA (where vA is the Alfvén speed), Rm # 1 suggesting that
the Ohm diffusion is unimportant in comparison with the advection
term. In contrast, Hm and Am are three to four orders of magni-
tude smaller than Rm. The recent 2D numerical simulation of the
partially ionized solar atmosphere also suggests that in the weak
field regions (! 100 G) in the chromosphere, Hall diffusion is two
orders of magnitude larger than Ohm diffusion whereas ambipolar
diffusion is four to six orders of magnitude larger than Ohm diffu-
sion (Sykora et al. 2012). Clearly, the ambipolar and Hall diffusion
terms are of critical importance in the induction equation.

2.1 Dispersion relation

Magnetic elements in the photosphere–chromosphere are highly
dynamic, being accompanied by numerous flows with different spa-

tial and temporal scales. Recent numerical simulations of umbral
magnetoconvection (Cheung & Cameron 2012) suggest that the
dynamical scale over which Hall diffusion can generate magnetic
and velocity fields is much smaller and faster than the spatial and
temporal scale of a typical flux tube (∼ 10–20 km and ∼300 s, cf.
" few hundred km and ∼ few days, respectively). The simulation
results are easily scalable to 2 km with temporal scale ∼2 s. We
note that at present the best achievable resolution is 90 km (Bonet
et al. 2008).

As the spatial scale over which the flow and field generation
occurs is much smaller than the typical diameter of a flux tube,
we shall approximate part of the cylindrical tube by a planar sheet
and work in Cartesian coordinates where x , y , z correspond to the
local radial, azimuthal and vertical directions. We assume an ini-
tial homogeneous state with azimuthal shear flow v = v0

′ x y. The
magnetic field in the intergranular lanes at the network boundaries
is clumped into elements or flux tubes that are generally vertical
(Martinez et al. 1997; Hasan 2009) but highly inclined fields have
also been reported in the literature (Solanki, Keller & Stenflo 1987;
Stenflo, Solanki & Harvey 1987). The internetwork magnetic ele-
ments have predominantly horizontal field (Hasan 2009; Steiner &
Rezaei 2012). Therefore, we shall assume a uniform background
field that have both an azimuthal and a vertical component, i.e.
B = (0, By, Bz).

The focus of this investigation is the low-frequency behaviour
of the medium, and thus, we shall work in the Boussinesq ap-
proximation limit which is valid if the motion in the medium is
very slow (Spiegel & Veronis 1960). Thus, linearizing equations
(1) and (2) and assuming an axisymmetric perturbation of the form
exp (i k · x + σ t), with k = (kx, 0, kz), in the Boussinesq approxi-
mation, we get

k · δv = 0 . (16)

σ δvx = − i kx

δp

ρ
+ i

4 π ρ
[(k · B) δBx − (B · δB) kx],

σ δvy + v′
0 δvx = i

4 π ρ
(k · B) δBy,

σ δvz = −i kz

δp

ρ
+ i

4 π ρ
[(k · B) δBz − (B · δB) kz]. (17)

Eliminating the pressure perturbation in favour of velocity and
making use of equation (16), from the preceding equation we get
for the (x , y) components

δv̂ = i k vA µ

σ 2

(
σ 0

−v′
0 σ

)
δ B̂ . (18)

Here δv̂ = δv/vA and δ B̂ = δB/B , v′
0 = d v(x)/dx, µ = l(k̃ ·

b) ≡ k̂z bz, k̃ = k/k and k̂z = kz/k. Since

δvB = i k[ηH{µ δ B̂ × b − (b · δ B̂)k̃ × b}

+ ηP{µ δB − (b · δ B̂)k̃}] , (19)

the linearized induction equation (x , y components) can be written
as
[(

σ 0

−v′
0 σ

)
+ k2 v2

A µ2

σ 2

(
σ 0

−v′
0 σ

)
,

+ k2

(
ηxx ηxy

ηyx ηyy

) ]
δ B̂ = 0, (20)
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The solar chromosphere



•  For ions,"

•  For electrons,"
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C-type
shock

Mullan 1971; Draine 1980 shock

t = 0

t > 0



Kaufmann & Neufeld 1996
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Fast vs slow MHD shocks



Figure 4.2: Fast (left) and slow (right) shock comparison. The top row
shows the velocity and density profiles. Middle row shows the temperature
and cooling rates. Bottom row shows the gas, magnetic and ram pressures
relative to their sum. B1 = 30 µG for the fast shock whereas B1 = 70 µG
for the slow shock. Both shocks propagate into a gas with preshock density
n1 = 103 cm�3 and magnetic field 30⇥ to the shock normal. The y-axes are
the same for a given row, but the x-axes di�er between the fast and slow
shocks.
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Figure 4.2: Fast (left) and slow (right) shock comparison. The top row
shows the velocity and density profiles. Middle row shows the temperature
and cooling rates. Bottom row shows the gas, magnetic and ram pressures
relative to their sum. B1 = 30 µG for the fast shock whereas B1 = 70 µG
for the slow shock. Both shocks propagate into a gas with preshock density
n1 = 103 cm�3 and magnetic field 30⇥ to the shock normal. The y-axes are
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Field line drift: collapsing cores / protoplanetary disks

– Hall drift is “sideways”
tends to induce or reduce twisting in B

– Sense depends on sign of B



Braiding & Wardle 2012
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Magnetorotational instability (MRI) 
• Satellites joined by a spring

– angular momentum transferred from inner --> outer
– spiral inwards and outwards, respectively
– stretch spring, increases torque
– runaway process

• Buckled magnetic field
– couples fluid elements at different radii
– tension plays role of spring
– buckling increases
– generates MHD turbulence

1

2

3
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Dead zone

Collisional ionization
at T > 103 K (r < 1 AU),

MRI turbulent

Resistive quenching
of MRI, suppressed

angular momentum
transport

MRI-active 
surface layer

Nonthermal
ionization

of full disk column

Cosmic
rays?

Ambipolar diffusion
dominates

X-rays

Figure 7
Schematic structure of the protoplanetary disk if the low ionization fraction at radii r ∼ 1 AU quenches angular momentum transport
due to the magnetorotational instability (MRI), forming a dead zone (Gammie 1996). X-rays, produced from the cooling of plasma
confined within magnetic field loops in the stellar corona, ionize the disk surface, but fail to penetrate to the midplane. The image in
the lower left shows density isosurfaces computed from a simulation of a fully turbulent disk (K. Beckwith, P.J. Armitage & J.B. Simon,
unpublished simulations).

which is at about 1 AU for Ṁ = 10−7 M# year−1 (Figure 2) moves inward as the disk
accretion rate declines.

2. An outer zone, where nonthermal sources of ionization suffice to raise the ionization fraction
at the midplane above the threshold for MRI activity. The inner boundary of this region
also moves inward as the surface density drops, because the shielding the disk provides to
ionizing radiation and particles becomes less effective.

3. An intermediate region, where the midplane is cool enough, and well-enough shielded from
ionizing radiation, to fail to satisfy the conditions for the MRI to operate. Gammie (1996)
suggested that the disk at these radii would develop a layered structure, with a dead zone
near the midplane in which turbulence was absent or strongly suppressed. Accretion would
then occur entirely (or primarily) through an active surface layer, whose thickness is defined
by the flux and penetration strength of cosmic rays (in the original version) or stellar X-rays.

No observation provides direct evidence either for or against the existence of dead zones.
Theoretical calculations, however, continue to suggest that it is more likely than not that
protoplanetary disks develop a dead zone at radii r ∼ 1 AU (Salmeron & Wardle 2008; Terquem
2008; Bai & Goodman 2009; Turner & Drake 2009; Turner, Carballido & Sano 2010). The sole
situation in which a region of suppressed MRI transport is not predicted to exist is the case where

www.annualreviews.org • Dynamics of Protoplanetary Disks 215
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No. 2, 2008 DEAD ZONE ACCRETION FLOWS IN PROTOSTELLAR DISKS L133

Fig. 2.—Snapshot of the toroidal magnetic field strength at 55 orbits in a
resistive MHD calculation of a patch of the protosolar disk at 5 AU including
well mixed 1 mm grains. The undead zone at center is filled with a uniform,
0.1 G shear-generated toroidal magnetic field while patchy fields are found in
the turbulent layers above and below. The star lies off-page to the lower left
and the disk midplane is horizontal through the image center.

Fig. 3.—Magnetic accretion stress vs. height and time in a resistive MHD
calculation of a patch of the protosolar disk at 1 AU. The stress is proportional
to the radial and toroidal components of the magnetic field. It is horizontally
averaged across the patch and is plotted using a double-logarithmic color scale,
with outward angular momentum transport in red and yellow, and inward
transport in black and blue. The calculation lasts 300 yr and each panel shows
a 100 yr interval. Black curves mark the edges of the undead zone where the
resistivity suppresses magnetorotational turbulence. Magnetic activity in the
undead zone is driven by the diffusion of magnetic fields from the turbulent
surface layers. After 150 yr, the activity grows stronger due to an increase in
magnetic coupling as ionized gas is mixed from the surface layers toward the
midplane.

Fig. 4.—Accretion rate corresponding to the total stress in the two MHD
calculations located at 5 AU (top) and 1 AU (bottom). The accretion rate per
density scale height H is plotted against the distance z from the midplane. The
results are averaged from 20 to 120 orbits (solid black curves at top and
bottom) and after mixing reduces the size of the undead zone, from 200 to
300 orbits (red curve in bottom panel). The vertically integrated accretion rates
are , , and M, yr!1, respectively. Shading!8 !9 !72.2 # 10 6.4 # 10 1.5 # 10
of the same colors marks the undead zone.

dissipation layer is about 10 orbits, so that the layer acts as a
filter delivering to the undead zone a magnetic field that is a
recent time-average of the large-scale field at the edge of the
turbulent layer. The radial field in the dissipation layer and at
the midplane reverses every 20–50 orbits. The midplane to-
roidal field changes at approximately the rate due to3! QBr2

the shear, indicating that local shear generation dominates other
source terms (Turner et al. 2007). The shearing reverses the
toroidal field about 10 orbits after the radial field, so that the
field lines swing around to trail the rotation and the magnetic
stress again becomes positive (Fig. 3). A related process occurs
in the Sun, where magnetic fields generated in the convection
zone are carried down to the tachocline and grow there through
differential rotation (Parker 1993). The protostellar disk differs
in that shear occurs throughout the flow, and the turbulence is
shut off by the resistivity of the gas rather than a transition to
radiative energy transport.

The resistivity at all heights in the disk is typically unchanged
as gas mixes between the surface layers and interior, because
the recombination on the grains is fast enough to keep the
ionization near its local equilibrium value. However, with the
grains removed, recombination is slow enough for ionized gas
to reach the midplane (Inutsuka & Sano 2005). In our calcu-
lation with no grains, the undead zone shrinks after 150 yr as
ionized gas is carried down from the surface layers. The flow
settles after 200 yr into a new steady state with an overall
accretion rate 20 times greater. The midplane remains mag-
netorotationally stable (Fig. 3).

5. EMPIRICAL CONSTRAINTS

The mass flow rate corresponding to the stresses in the MHD
calculations (Fig. 4) is sufficient for the disk to accrete on the
star within a few million years, the lifetime inferred from the

disk fractions in young star clusters of different ages (Haisch
et al. 2001). The magnetic contribution to the stress is several
times greater than the hydrodynamic contribution in the dis-
sipation layer, and at times when the fields are strongest in the
midplane. The time-averaged midplane magnetic and hydro-
dynamic contributions are comparable. The undead zone rather
than being inactive has a mean mass flow rate 4% to 61% of
that in the turbulent layers. The midplane gas moves toward
the star on average, but flows away from the star immediately

Turner & Sano 2008

MRI – with 
dead zone



MRI growth rate - ohmic and/or ambipolar diffusion
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The Astrophysical Journal, 742:65 (16pp), 2011 December 1 Okuzumi & Hirose

Figure 2. Vertical profiles of the ohmic resistivity η (upper panel) and the initial
Elsasser number Λt=0 (lower panel) for models X0 (blue dot-dashed curve),
X1 (blue dotted curve), X2 (blue dashed curve), X3 (blue solid curve), Y3 (red
curve), W3 (green curve), and FS03L (black curve).
(A color version of this figure is available in the online journal.)

Figure 4 shows the vertical structure of the disk averaged over
a time interval 175 < Ωt/(2π ) < 350. The dark and light gray

bars in each panel indicate the heights where ideal and resistive
MRIs operate, respectively (see also Figure 1). The brackets
〈· · ·〉 denote the averages over time and horizontal directions.

In Figure 4(a), we compare the averaged gas density 〈ρ〉
with the initial density given by Equation (1). We see that the
density is almost unchanged in the disk core (|z| < hideal) but
is considerably increased in the atmosphere (|z| > hideal). This
is because the magnetic pressure is negligibly small in the disk
core but dominates over the gas pressure in the atmosphere.
Figure 4(a) also shows the amplitude of the density fluctuation,
〈δρ2〉1/2. As one can see, the density fluctuation is small
(〈δρ2〉1/2 # 〈ρ〉) except at |z| $ hideal.

The magnetic activity in the disk can be seen in Figure 4(b),
where the vertical profiles of the magnetic energies (〈δB2〉/4π ,
〈B2

y 〉/4π , and 〈B2
z 〉/4π ) and Maxwell stress 〈wM〉 are plotted.

One can see that these quantities peak near the outer boundaries
of the active layers, |z| ≈ hideal. This is because the largest
channel flows develop at locations where λideal ≈ h (see, e.g.,
Suzuki & Inutsuka 2009). In the dead zone, ohmic dissipation
suppresses the fluctuation in the magnetic fields, 〈δB2〉, leaving
the initial vertical field (〈B2

z 〉 ≈ B2
z0) and coherent toroidal fields

(〈B2
y 〉 ≈ 〈By〉2) generated by the differential rotation.4

Figure 4(c) shows the density-weighted velocity disper-
sions 〈ρ〉〈δv2〉 and 〈ρ〉〈δv2

z 〉 and the Reynolds stress 〈wR〉 =
〈ρδvxδvy〉. These quantities characterize the kinetic energy in
the random motion of the gas.5 Comparing Figures 4(b) and (c),
we find that the drop in these quantities in the disk core is not as
significant as the drop in 〈δB2〉 and 〈wM〉. This is an indication

4 In our simulations, ohmic resistivity is not high enough to remove
shear-generated, coherent toroidal fields. In this sense, our dead zone is an
“undead zone” in the terminology of Turner & Sano (2008).
5 In the disk core (|z| ! hideal), 〈ρ〉〈δv2〉 is approximately equal to 〈ρδv2〉
since the density fluctuation is small (see Figure 4(a)).

Figure 3. Horizontally averaged Maxwell stress wM (upper panel) and density-weighted velocity dispersion ρδv2 (bottom panel) as a function of time t and height z
for model X1. The solid, dotted, and dashed lines show the critical heights z = hideal, hΛ, and hres, respectively.
(A color version of this figure is available in the online journal.)

5

Okuzumi & Hirose 2011

low density:
vA too large 
λ ~ vAT  >>  h 

low ionisation:
η too large

λ ~ η vA T  >> h 

MRI-active layer: 
λ ~ vA T <  h 





MRI growth rate - ohmic (and/or AD) vs Hall
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Figure 11. Fractional abundances of charged particles in the
minimum mass solar nebula at 1 au from the Sun as a function
of height above the mid-plane, assuming that grains have radius
1µm. The upper, centre, and lower panels correspond to dust to
gas ratios 10�2, 10�4, and 0 by mass, respectively. The black
curve in the lower panel shows the height-dependence of the ion-
isation rate per hydrogen nucleus due to stellar x-rays and inter-
stellar cosmic rays (see text) assumed for all three models. The
other curves give the fractional abundances of electrons (red),
light ions (H+, H+

3 , He+, C+) representative molecular (m+),
and metal (M+) ions (blue), and grains (green, labelled by charge
state).

mass solar nebula disc ionised by cosmic-rays and stellar x-
rays at 1 au from the central star. These models adopt a col-
umn density of 1700 g cm�2 and temperature T = 280K in-
dependent of height, with x-ray ionisation rate computed by
Igea & Glassgold (1999) and a standard interstellar cosmic-
ray ionisation rate of 10�17 s�1 H�1 that is exponentially
attenuated with depth as exp(��/96 g cm�2). We charac-
terise the grain population by assuming a single 1µm radius
and varying dust-to-gas mass ratios, crudely mimicking the
e⇥ect of the settling of grains to the disc mid-plane.

The abundances of charged species for dust-to-gas mass
ratios of 10�2, 10�4 and 0 are presented in Figure 11. The
ionisation rate as a function of depth is plotted in the lower
panel – interstellar cosmic rays are the dominant source be-
low 2 scale heights, above this ionisation by stellar x-rays
dominates. In the no-grain case, electrons and metal ions
are the dominant charged species because the metal ions
have the smallest recombination rate coe⌅cient. The top
panel shows the e⇥ect of adding a population of 1µm-radius
grains with total mass 1% of the gas mass: grains acquire a
charge via sticking of electrons and ions from the gas phase.
Above z/h ⇤ 2.5 the grain charge is determined by the
competitive rates of sticking of ions and electrons, with the
coulomb repulsion of electrons by negatively-charged grains
o⇥setting their greater thermal velocity compared to ions
(Spitzer 1941; Draine & Sutin 1987). This leads to a gaus-
sian grain charge distribution with mean charge (in units
of e) ⌅Zg⇧ ⇤ �4akT/e2 ⇤ �67 and standard deviation
⇤ ⌅Zg⇧1/2 ⇤ 8. Most recombinations still occur in the gas
phase. The abundance of metal ions and electrons is reduced
over the grain-free case for z/h<⇥ 5 where the charge stored
on grains becomes comparable to the electron abundance.
For z/h ⇤ 2–2.5, the abundances of ions and electrons have
declined to the point that the majority of electrons stick to
grain surfaces before they can recombine in the gas phase,
and most neutralisations occur when ions stick to negatively
charged grains (Nakano & Umebayashi 1980). Closer to the
mid-plane, the ionisation fraction is so low that most grains
are lightly charged, so that coulomb attraction or repulsion
of ions and electrons by grains is negligible. Then ions and
electrons stick to any grain that they encounter, with re-
combinations occurring on grain surfaces. The middle panel
of Fig. 11 shows what happens if 99% of the grains are re-
moved (e.g. by settling to the mid-plane). The capacity of
the grain population to soak up electrons from the gas phase
is reduced a hundredfold, and the height below which grains
substantially reduce the free electron density below the ion
density moves downwards to the lowest scale height.

Unlike ohmic resistivity, the Hall and ambipolar di⇥u-
sivities depend on the magnetic field strength as well as the
charged particle abundances, so we consider field strengths
ranging between 10�3–102 G, encompassing the plausible
range of values in the solar nebula (see Wardle 2007). For
each choice of magnetic field we use the ionisation calcu-
lations to compute the di⇥usivities as a function of height.
Typically, ambipolar di⇥usion dominates at the surface and,
for weak magnetic fields, ohmic di⇥usion dominates near the
mid-plane. Between these regimes Hall di⇥usion dominates
(Wardle 2007). With the di⇥usivity profiles in hand, we ap-
ply eq (66) to identify the fastest growing MRI mode that
has kh > 1 at a given height; the results for dust-to-gas

c� 2011 RAS, MNRAS 000, 1–20
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Figure 11. Fractional abundances of charged particles in the
minimum mass solar nebula at 1 au from the Sun as a function
of height above the mid-plane, assuming that grains have radius
1µm. The upper, centre, and lower panels correspond to dust to
gas ratios 10�2, 10�4, and 0 by mass, respectively. The black
curve in the lower panel shows the height-dependence of the ion-
isation rate per hydrogen nucleus due to stellar x-rays and inter-
stellar cosmic rays (see text) assumed for all three models. The
other curves give the fractional abundances of electrons (red),
light ions (H+, H+

3 , He+, C+) representative molecular (m+),
and metal (M+) ions (blue), and grains (green, labelled by charge
state).

mass solar nebula disc ionised by cosmic-rays and stellar x-
rays at 1 au from the central star. These models adopt a col-
umn density of 1700 g cm�2 and temperature T = 280K in-
dependent of height, with x-ray ionisation rate computed by
Igea & Glassgold (1999) and a standard interstellar cosmic-
ray ionisation rate of 10�17 s�1 H�1 that is exponentially
attenuated with depth as exp(��/96 g cm�2). We charac-
terise the grain population by assuming a single 1µm radius
and varying dust-to-gas mass ratios, crudely mimicking the
e⇥ect of the settling of grains to the disc mid-plane.

The abundances of charged species for dust-to-gas mass
ratios of 10�2, 10�4 and 0 are presented in Figure 11. The
ionisation rate as a function of depth is plotted in the lower
panel – interstellar cosmic rays are the dominant source be-
low 2 scale heights, above this ionisation by stellar x-rays
dominates. In the no-grain case, electrons and metal ions
are the dominant charged species because the metal ions
have the smallest recombination rate coe⌅cient. The top
panel shows the e⇥ect of adding a population of 1µm-radius
grains with total mass 1% of the gas mass: grains acquire a
charge via sticking of electrons and ions from the gas phase.
Above z/h ⇤ 2.5 the grain charge is determined by the
competitive rates of sticking of ions and electrons, with the
coulomb repulsion of electrons by negatively-charged grains
o⇥setting their greater thermal velocity compared to ions
(Spitzer 1941; Draine & Sutin 1987). This leads to a gaus-
sian grain charge distribution with mean charge (in units
of e) ⌅Zg⇧ ⇤ �4akT/e2 ⇤ �67 and standard deviation
⇤ ⌅Zg⇧1/2 ⇤ 8. Most recombinations still occur in the gas
phase. The abundance of metal ions and electrons is reduced
over the grain-free case for z/h<⇥ 5 where the charge stored
on grains becomes comparable to the electron abundance.
For z/h ⇤ 2–2.5, the abundances of ions and electrons have
declined to the point that the majority of electrons stick to
grain surfaces before they can recombine in the gas phase,
and most neutralisations occur when ions stick to negatively
charged grains (Nakano & Umebayashi 1980). Closer to the
mid-plane, the ionisation fraction is so low that most grains
are lightly charged, so that coulomb attraction or repulsion
of ions and electrons by grains is negligible. Then ions and
electrons stick to any grain that they encounter, with re-
combinations occurring on grain surfaces. The middle panel
of Fig. 11 shows what happens if 99% of the grains are re-
moved (e.g. by settling to the mid-plane). The capacity of
the grain population to soak up electrons from the gas phase
is reduced a hundredfold, and the height below which grains
substantially reduce the free electron density below the ion
density moves downwards to the lowest scale height.

Unlike ohmic resistivity, the Hall and ambipolar di⇥u-
sivities depend on the magnetic field strength as well as the
charged particle abundances, so we consider field strengths
ranging between 10�3–102 G, encompassing the plausible
range of values in the solar nebula (see Wardle 2007). For
each choice of magnetic field we use the ionisation calcu-
lations to compute the di⇥usivities as a function of height.
Typically, ambipolar di⇥usion dominates at the surface and,
for weak magnetic fields, ohmic di⇥usion dominates near the
mid-plane. Between these regimes Hall di⇥usion dominates
(Wardle 2007). With the di⇥usivity profiles in hand, we ap-
ply eq (66) to identify the fastest growing MRI mode that
has kh > 1 at a given height; the results for dust-to-gas

c� 2011 RAS, MNRAS 000, 1–20
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Figure 6. Snapshot of the vertical magnetic field Bz in runs ZB3I1 (top) and ZB3H7 (bottom) at t = 630.
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Figure 4. Linear growth rate ⇥ as a function of the inverse Hall Elsasser
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H for simulations ZB3H(1–9). Each line corresponds to a chan-
nel mode with kz = 2⇤n/Lz .

ous linear instability in the initial equilibrium. Here we conduct a
dedicated study of the LTS by examining our fiducial run ZB1H1 in
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Figure 5. Volume-averaged turbulent transport � as a function of time for
different inverse Hall Elsasser numbers ��1

H (runs ZB3I1, ZB3H3, ZB3H6,
ZB3H7, ZB3H9).

detail. This simulation exhibits the same kind of LTS as described
above, with an averaged turbulent transport � = 1.8 � 10�4. In-
creasing the resolution to 384 � 192 � 96 does not change the
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–<BxBy>
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Fig. 2.— The space-time plot for the (horizontally averaged) vertical profiles of the Maxwell stress −BxBy in the three fiducial runs
O-b5 (top), OA-nobz (middle) and OA-b5 (bottom). The colors are in logarithmic scales (in code unit). White contours in the upper panel
correspond to vertical Elsasser number Λz ≡ v2Az/ηOΩ = 1. The discontinuous transitions in the middle panel correspond to the sudden
reduction of the density floor which attains the final value of ρfloor = 10−8 at t = 230Ω−1.
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Fig. 3.— Vertical profiles of the Maxwell stress and Reynolds
stress (upper panel), as well as gas/magnetic pressure and kinetic
energy (lower panel) in the fiducial run with only Ohmic resistivity
(O-b5).

the outflow boundary condition. Therefore, we gradu-
ally lower the density floor over the course of the simula-
tion and find that the phenomena of artificial magnetic
flux accumulation and density cutoff at ρfloor disappears
when ρfloor is brought down to 10−8, which is achieved
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Fig. 4.— Same as Figure 3, but for zero net vertical flux run
with both Ohmic resistivity and AD (OA-nobz).Note the different
scales.

at t = 230Ω−1. The whole process is reflected in Figure
2. From this time onward, the system evolves smoothly
and no artifacts are seen from the vertical boundaries.
Also note that setting such small density floor of 10−8 at
the beginning would lead to dramatically small simula-
tion timestep which is not quite realistic, hence gradual

Ohm-Amb
no net Bz

Ohm
net Bz

Ohm-Amb
net Bz



Bai 2013

10 X.-N. Bai

Fig. 4.— Space-time plot of horizontally averaged toroidal magnetic field B̄y (upper panel) and vertical kinetic energy log10(ρv
2
z/2)

(lower panel) for our 3D run F-R10-b5. The system reaches the final configuration after t ≈ 1000Ω−1. See Section 4.2 for more details.
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Fig. 8.— Schematic global picture of protoplanetary disks (not to the scale) in light of our new simulation results that incorporate the
effect of AD. See Section 5.3 for detailed discussions.

shifts gradually from disk wind to the MRI/magnetic
braking. Moreover, the Hall effect, which is not included
in our studies, is the dominant non-ideal MHD effect in
such transition radii. It will be extremely interesting to
explore the transition using global simulations.

5.4. Concluding Remarks

Our simulations have demonstrated the magnetocen-
trifugal wind is an essential ingredient for driving ac-
cretion in the inner region of PPDs. Although we are
unable to provide large-scale kinematics of the disk wind
based on our local shearing-box simulations, the range
of radii where we expect such disk wind is consistent
with the inferred launching radii of the low-velocity
component of the molecular outflows from observations
(Anderson et al. 2003; Coffey et al. 2004, 2007). The
laminar nature of the gas flow in the inner disk has im-
portant implications on grain growth in PPDs, planetes-
imal formation, and potentially planet migration, which
all merit future investigations.
The global picture proposed in this paper represents a

large-scale framework, while the details of the picture re-
main to be explored with a lot more efforts. In particular,
the Hall effect that was not included in our simulations is
the dominant non-ideal MHD effect in a large portion of
parameter space in PPDs and may play an important role
on the MHD stability of the disk. Moreover, global simu-
lations are essential to address the stability of the strong
current layer, the transition between regions I, II and III
outlined in the previous subsection, and the transport
of large-scale poloidal magnetic flux. Global simulations
are also necessary to quantify the kinematics of the disk
wind, such as the rate and velocity of the mass outflow,
and to make direct comparisons with observations.
I thank the referee for useful comments and sugges-

tions that improve the clarity of this paper. This work is
supported for program number HST-HF-51301.01-A pro-
vided by NASA through a Hubble Fellowship grant from
the Space Telescope Science Institute awarded to XN.B,
which is operated by the Association of Universities for
Research in Astronomy, Incorporated, under NASA con-
tract NAS5-26555.
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Summary

• Ideal MHD breaks down on scale of molecular cloud cores and 
protoplanetary disks (not just in localised current sheets!)

– dissipation of fluid motions, structure of shock waves
– core collapse: angular momentum, magnetic flux
– protoplanetary disks: distribution and nature of MHD turbulence
– disk-driven jets: launching, coupling between jet and disk

• Determined by well-defined microscopic processes
– “low” densities (clouds, cores): ambipolar diffusion (Mestel & Spitzer 1956)
– high densities (protoplanetary disks): ohmic resistivity (e.g. Hayashi 1981)
– Hall effect overlooked (shocks, collapsing cores and disks) (Wardle 1998, 
1999, Wardle & Ng 1999)
– uncertainties: grain population, ionizing sources, “turbulent” transport

Amb:# vB ~ JxB ~ B2

Hall:# vB ~  ± J ~ B  ; depends on sign of B ; no dissipation
Ohm: # vB ~ JxB / B2  ~ B0 ; important only for high density, weak fields

• cf solar chromosphere
– Hall ~ Ambipolar >> Ohm


